
SPICA Meeting in 2017 (ISAS/JAXA, 22Nov. 2017)

Observations of disks around  
young stellar objects 

Recent progresses and 
Prospects of polarization observations  

with SPICA

Munetake MOMOSE (Ibaraki University)

1



2

3

100 AU

Figure 1. In the left panel, the colorscale represents the polarized intensity in units of mJy beam�1 with a log scale, the
gray contours show the continuum emission, and the white vectors show the polarization vectors. Note that the lengths of
the polarization vectors are set to be the same. The levels of the contours are (3, 10, 30, 100, 300, 600, 900, 1200, 1500, 1800) ⇥
�I(= 185 µJy beam�1) for Stokes I. Polarization vectors are plotted where the polarized intensity is larger than 3�PI =
0.128 mJy beam�1. In the right panel, the colorscale displays the polarization fraction overlaid with the polarization vectors.
The gray contours display the continuum emission with the same levels of the left panel. The colorscale is only shown with the
same threshold of the polarization vectors in the left panel.

lopsided structure (e.g., Casassus et al. 2013; Fukagawa
et al. 2013). The polarized intensity shows a ring-
like distribution with azimuthal asymmetry, for which
the substructure is di↵erent from the continuum, and
also shows two regions with azimuthal polarization. Al-
though the continuum emission has a peak at the north-
east region, the polarized intensity has a peak on the
east side. The peak emission of the polarized emission
is 5.22 mJy beam�1. The ring of the polarized intensity
is located slightly inside of the ring center of the contin-
uum. The maps of each Stokes component are shown in
Fig. 2.
The polarization vectors on the main ring of the polar-

ized emission have a radial direction everywhere. How-
ever, the polarization vectors are rotated by 90� in two
regions. The northeast region is ⇠ 1.003 from the star
toward the position angle of ⇠ 42� while the northwest
one is ⇠ 1.004 from the star toward the position angle of
⇠ �60�. The two regions are clearly seen in Fig. 2 as a
flip of the sign of Stokes Q or U from inside to outside.
Furthermore, the polarized intensity is relatively

bright in the southwest direction, where Stokes I is the
faintest. This causes high polarization fraction in the
south region. The right panel of Fig. 1 shows the po-
larization fraction overlaid with the polarization vectors
with the continuum as solid contours. The polarization
fraction is 3.26 ± 0.02 % at the peak of the polarized
intensity and as low as 0.220 ± 0.010 % at the peak of
the continuum. The polarization fraction has a peak at
the southwest region with a fraction of 13.9 ± 0.6 %,
which corresponds to around the local minimum of the
intensity of the main ring.
Here, we note that the polarization maps at low signal-

to-noise ratio regions could be a↵ected by the positive
polarization bias (Vaillancourt 2006). The discussion in
this Letter is concerning at the regions where the detec-
tion is larger than 3 �

PI

and thus the positive polariza-
tion bias does not a↵ect the results.

4. DISCUSSIONS

We have detected spatially resolved polarized contin-
uum emission from the disk around HD 142527. There
are three distinct observational signatures - (1) di↵er-
ence of the locations of the brightest emission between
Stokes I and PI, (2) 90� flip of the polarization vec-
tors in the northeast and northwest region, and (3) the
high fraction of polarization (13.9± 0.6%) in the south-
west region. Two possible mechanisms to produce po-
larized emission in protoplanetary disks are suggested
to date: grain alignment by the magnetic field or dust
self-scattering. In this section, we qualitatively discuss
which mechanism is more likely to take place in the disk
around HD 142527.

4.1. Grain alignment

Here, we discuss the possibility that the polarization
is due to the grain alignment with magnetic fields. The
magnetic field direction is rotated by 90� from the polar-
ization vectors in the thermal emission regime. There-
fore, the morphology of the main polarization ring indi-
cates the presence of toroidal magnetic fields, which is
consistent with the common understanding of the mag-
netic field in disks (e.g., Brandenburg et al. 1995; Stone
et al. 1996).
The di↵erence between the peak position of the po-

larized intensity and the peak of the continuum could
be explained with the depolarization due to the high
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However, in this work we use P for half-vector selection only, so
the effect of our choice of debiasing method on our results is
minimal. The measured magnetic field angles are determined from
the relative values of the Stokes Q and U parameters, and hence do
not depend on the absolute calibration (i.e., the polarized intensity)
of the data.

3. Results

We determined the magnetic field strength in OMC1 using
the Chandrasekhar–Fermi (CF; Chandrasekhar & Fermi 1953)
method. The CF method assumes that the underlying magnetic
field geometry is uniform, and that the dispersion of measured
polarization angles (after any necessary correction for measure-
ment errors) represents the distortion of the magnetic field by
turbulent and other motions in the gas.

We determined the plane-of-sky magnetic field strength
(Bpos) in OMC1 using the formulation of the CF method given
by Crutcher et al. (2004):

B Q n
v

4 9.3 H G, 1v
pos 2pr

s
s s

m= ¢ »
D
á ñq q

( ) ( )

where vs is the one-dimensional nonthermal velocity dispersion
in the gas; sq is the dispersion in polarization position angles; ρ
is the gas density; vD is the FWHM velocity dispersion in
km s 1- ( v 8 ln 2vsD = ( ) ); sá ñq is the typical deviation in
polarization position angle in degrees; n H2( ) is the number
density of molecular hydrogen ( nm HH 2r m= ( ), where μ is the
mean molecular weight of the gas); and Q¢ is a factor of order
unity accounting for variation in field strength on scales smaller
than the beam (labelled Q¢ to distinguish it from the Stokes Q
parameter). Crutcher et al. (2004) take Q 0.5¢ = (see Ostriker
et al. 2001). We adopt this value throughout this paper. We
discuss the appropriate value of the Q¢ parameter in Section 5.4
below.

Crutcher et al. (2004) note that the CF method does not
constrain the line-of-sight component of the magnetic field
strength, and that statistically,

BB
4

2pos
p

» ∣ ∣ ( )

on average, where B∣ ∣ is the magnitude of the magnetic field
strength half-vector. However, this statistical correction assumes
that the magnetic field has a large-scale geometry that is not
biased by a preferred axis. The magnetic field in Orion A is
clearly highly ordered (see Figure 1), and so we cannot rule out a
preferred orientation for the line-of-sight field. The relevance of
this correction to the plane-of-sky field strength that we measure
is hence unclear. We discuss this further below.

3.1. Angular Dispersion in OMC1

In order to apply the CF method to the magnetic field in
OMC1, which is both highly ordered and significantly
nonuniform, it is necessary to remove or account for the effect
of the underlying field geometry before estimating the
dispersion in position angle. We present a method for
measuring angular dispersion in an ordered field that is
analogous to unsharp masking: we estimated the behavior of
the undistorted magnetic field by applying a smoothing
function to our map of polarization angle. We then subtracted
our estimated undistorted (i.e., smoothed) magnetic field

directions from the measured polarization angles (rotated by
90° to trace magnetic field direction) in order to find the
difference between the measured magnetic field angle and the
mean field direction in each pixel in the map.
We subtract the smoothed map ( qá ñ) from the map of

measured position angle ( obsq ), giving a residual map showing
the deviation in angle in each pixel from the mean field
direction, qD , i.e.,

. 3obsq q qD = - á ñ ( )
The observed and smoothed maps of position angle, and their
residual, are shown in Figure 2.
We estimate mean field directions by smoothing the map of

measured angles using a 3×3 pixel boxcar average. The
3×3 pixel boxcar filter was chosen in order to allow a
smoothing length smaller than the radius of curvature of the
magnetic field in the regions of Orion A with high signal-to-
noise ratio. We measure polarization angles in the range
0 180-qn < n, measuring angles east of north.

The 180° ambiguity in magnetic field direction, which is
inherent in polarimetric observations, introduces a discontinuity
in the distribution of angles. For our choice of range of angles,
this discontinuity occurs at 0° or 180°. In order to avoid creating

Figure 1. A map of the polarization half-vectors in the center of OMC1, with
half-vectors rotated by 90° to show the direction of the magnetic field, modified
from Ward-Thompson et al. (2017). The background grayscale image is a
SCUBA-2 850 μm total intensity image of Orion A. The Orion BN/KL, Orion
S, and Orion Bar features are labelled. Only those half-vectors with
P P 3.d( ) are shown. The half-vector color scale is chosen for contrast
against the background image and has no physical meaning.
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HD169142, PI @1.6μm 
(Subaru; Momose+ 2015)

145au

that the collapse of the core from the current stage could not
create the steep curvature of the magnetic field lines in the outer
regions of the core, because the collapse proceeds in a runaway
fashion and the free-fall time is long in the diffuse outer region
(see, e.g., Fiedler & Mouschovias 1993). The steep magnetic
curvature should thus be created mainly during the formation of
the dense core.

It is noteworthy that the present observational data
successfully trace the dust polarization into the dense part of
the core because of the linearity of the relationship between the
dust extinction (i.e., reddening of the stellar color) and the
polarization degree (Figure 6). It was found that there is no
turnover in the relationship up to »A 15V mag, with a slope of

- »( )P H K 4.8%H s mag−1. This demonstrates that the
polarization of background starlight can be used to trace the
magnetic field inside cold and dense clouds, despite reports to
the contrary for some dark clouds (e.g., Goodman et al. 1995;
Arce et al. 1998).

In contrast to the present result, Alves et al. (2014a, 2014b)
reported the existence of a kink at »A 10V mag on the AV
versus P AH V diagram for FeSt 1–457. They also reported that
P AH V is a decreasing function of AV. Their results, however,
consider the superposition of polarization both from the core
and the off-core medium, which have different position angles.
Note that the sum of vectors with different position angles can
produce a depolarization effect. We obtained a AV versus
P AH V diagram similar to that obtained by Alves et al.

(2014a, 2014b) using the present polarization data before the
subtraction of off-core components. On the basis of the
“pre-subtraction” data, P AH V clearly decreases with increasing

Figure 5. Polarization vectors after subtraction of the off-core component. The field of view is ´288 or 0.19 pc at a distance of 130 pc, which is equal to the diameter of
the core. The background image for this figure is a zoomed-in version of that used in Figures 1 and 4. The white lines indicate the direction of the magnetic field
inferred from parabolic fitting. The scale of the 5% polarization degree is shown at the top.

Figure 6. Relationship between -H Ks color and polarization degree toward
background stars with PH taken after the subtraction of the off-core component.
Only stars with .dP P 10H H are plotted.
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Polarization in a protoplanetary disk  
A new window opened by ALMA
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Figure 1. In the left panel, the colorscale represents the polarized intensity in units of mJy beam�1 with a log scale, the
gray contours show the continuum emission, and the white vectors show the polarization vectors. Note that the lengths of
the polarization vectors are set to be the same. The levels of the contours are (3, 10, 30, 100, 300, 600, 900, 1200, 1500, 1800) ⇥
�I(= 185 µJy beam�1) for Stokes I. Polarization vectors are plotted where the polarized intensity is larger than 3�PI =
0.128 mJy beam�1. In the right panel, the colorscale displays the polarization fraction overlaid with the polarization vectors.
The gray contours display the continuum emission with the same levels of the left panel. The colorscale is only shown with the
same threshold of the polarization vectors in the left panel.

lopsided structure (e.g., Casassus et al. 2013; Fukagawa
et al. 2013). The polarized intensity shows a ring-
like distribution with azimuthal asymmetry, for which
the substructure is di↵erent from the continuum, and
also shows two regions with azimuthal polarization. Al-
though the continuum emission has a peak at the north-
east region, the polarized intensity has a peak on the
east side. The peak emission of the polarized emission
is 5.22 mJy beam�1. The ring of the polarized intensity
is located slightly inside of the ring center of the contin-
uum. The maps of each Stokes component are shown in
Fig. 2.
The polarization vectors on the main ring of the polar-

ized emission have a radial direction everywhere. How-
ever, the polarization vectors are rotated by 90� in two
regions. The northeast region is ⇠ 1.003 from the star
toward the position angle of ⇠ 42� while the northwest
one is ⇠ 1.004 from the star toward the position angle of
⇠ �60�. The two regions are clearly seen in Fig. 2 as a
flip of the sign of Stokes Q or U from inside to outside.
Furthermore, the polarized intensity is relatively

bright in the southwest direction, where Stokes I is the
faintest. This causes high polarization fraction in the
south region. The right panel of Fig. 1 shows the po-
larization fraction overlaid with the polarization vectors
with the continuum as solid contours. The polarization
fraction is 3.26 ± 0.02 % at the peak of the polarized
intensity and as low as 0.220 ± 0.010 % at the peak of
the continuum. The polarization fraction has a peak at
the southwest region with a fraction of 13.9 ± 0.6 %,
which corresponds to around the local minimum of the
intensity of the main ring.
Here, we note that the polarization maps at low signal-

to-noise ratio regions could be a↵ected by the positive
polarization bias (Vaillancourt 2006). The discussion in
this Letter is concerning at the regions where the detec-
tion is larger than 3 �

PI

and thus the positive polariza-
tion bias does not a↵ect the results.

4. DISCUSSIONS

We have detected spatially resolved polarized contin-
uum emission from the disk around HD 142527. There
are three distinct observational signatures - (1) di↵er-
ence of the locations of the brightest emission between
Stokes I and PI, (2) 90� flip of the polarization vec-
tors in the northeast and northwest region, and (3) the
high fraction of polarization (13.9± 0.6%) in the south-
west region. Two possible mechanisms to produce po-
larized emission in protoplanetary disks are suggested
to date: grain alignment by the magnetic field or dust
self-scattering. In this section, we qualitatively discuss
which mechanism is more likely to take place in the disk
around HD 142527.

4.1. Grain alignment

Here, we discuss the possibility that the polarization
is due to the grain alignment with magnetic fields. The
magnetic field direction is rotated by 90� from the polar-
ization vectors in the thermal emission regime. There-
fore, the morphology of the main polarization ring indi-
cates the presence of toroidal magnetic fields, which is
consistent with the common understanding of the mag-
netic field in disks (e.g., Brandenburg et al. 1995; Stone
et al. 1996).
The di↵erence between the peak position of the po-

larized intensity and the peak of the continuum could
be explained with the depolarization due to the high

HD142527 at λ=874μm HL Tau at λ=3.1 mm

alignment + self-scatteringspatial resolution is critical to reveal 
small-scale structure of polarization vectors



theoretical background 
Origin of dust polarization at mm-submm
1. Thermal emission of “aligned” grains (Tazaki+ 2017) 
• Two alignment mechanisms


A. J ‖ B : Larmor precession (B: magnetic field) 
B. J ‖ k : Radiative precession (k: net radiation flux) 

• Radiative alignment (J ‖ k) seems dominant for a large 
grains (a > 100μm) in a protoplanetary disk


2. Self-scattering of anisotropic radiation fields by 
dust grains (Kataoka+ 2015, 2016a; Yang+ 2016) 
• High albedo, and, High pol. efficiency are required  ← 

prominent only at λ~ (2π)amax ; strong λ-dependence !
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Two external alignment mechanisms

7

with radiation 
flux

with toroidal  
B-field

Tazaki et al.

(2017)



Various timescales of related processes in  
a protoplanetary disk (Tazaki et al. 2017)
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(black)  
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Timescale : the shorter is more important
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(green) 
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(blue) 
10% super-
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radiation precession 

(mid-plane) (surface)



theoretical background 
Origin of dust polarization at mm-submm
1. Thermal emission of “aligned” grains (Tazaki+ 2017) 
• Two alignment mechanisms


A. J ‖ B : Larmor precession (B: magnetic field) 
B. J ‖ k : Radiative precession (k: net radiation flux) 

• Radiative alignment (J ‖ k) seems dominant for a large 
grains (a > 100μm) in a protoplanetary disk


2. Self-scattering of anisotropic radiation fields by 
dust grains (Kataoka+ 2015, 2016a; Yang+ 2016) 
• High albedo, and, High pol. efficiency are required  ← 

prominent only at λ~ (2π)amax ; strong λ-dependence !
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HL Tau: Strong λ-dependence  
Kataoka et al. (2017, 2015); Stephans et al. (2017; 2014)
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• consistent with the case of amax ≈ 100μm with n(a) ∝ a-3.5 

• λ=3.1mm: azimuthal  ← radiative alignment (i.e., J ‖ k)

• λ=0.87mm: parallel to the minor axis ← self-scattering

Polarization directions
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2015), the Class 0 disk candidate of NGC 1333 IRAS 4A
(Cox et al. 2015), the Herbig AE late-stage protoplane-
tary disk HD 142527 (Kataoka et al. 2016), and the disk
candidate of the high-mass protostar Cepheus A HW2
(Fernández-López et al. 2016). Polarization toward disks
have also been detected at mid-infrared wavelengths of
8.7, 10.3, and 12.5µm (Li et al. 2016, 2017). However,
polarized emission at mid-infrared wavelengths can occur
due to absorption, emission, and sometimes scattering,
causing di�culty in interpreting the polarization mor-
phology.
Despite these detections, the polarization morpholo-

gies usually were not consistent with what would be ex-
pected from magnetically aligned dust grains. In particu-
lar, Stephens et al. (2014) used the Combined Array for
Research in Millimeter-wave Astronomy (CARMA) to
measure the 1.3 mm polarization morphology in HL Tau.
The morphology was inconsistent with grains aligned
with the commonly-expected toroidal magnetic fields
(polarization/E-field vectors distributed radially in the
disk). Instead, the E-vectors were oriented more or less
along the minor axis of the disk. Kataoka et al. (2015,
2016) and Yang et al. (2016) suggested that the polariza-
tion morphology is actually consistent with that expected
from self-scattering (also see Pohl et al. 2016; Yang et
al. 2017). Indeed, several disks where polarization is
detected show consistency with the polarization mor-
phology expected from self-scattering rather than grains
aligned with the magnetic field. However, except for
the ALMA observations of HD 142527 (Kataoka et al.
2016) and HL Tau (Kataoka et al. 2017), the published
observations are too coarse to resolve more than a few
independent beams across the disk, making it di�cult
to distinguish between scattering and other polarization
mechanisms.
The high-resolution ALMA observations of HD 142527

by Kataoka et al. (2016) resolved polarization for many
10s of independent resolution elements across the disk.
The polarization was radial throughout most of the disk,
which is expected for grains aligned with a toroidal field,
but toward the edges the morphology changed from ra-
dial to azimuthal, which is more consistent with scatter-
ing. Models in Kataoka et al. (2016) found that scatter-
ing can broadly reproduce the features observed in parts
of the disk – especially where the polarization orienta-
tions change sharply – but not everywhere. A complete
understanding of this interesting case is still missing.
HL Tau is one of the brightest Class I/II in the sky at

(sub)millimeter wavelengths, and thus the polarization
morphology can be determined at high resolution with
reasonable integration times. Kataoka et al. (2017) fol-
lowed up on the Stephens et al. (2014) observations with
3mm observations of HL Tau. Surprisingly, they found
that the polarization morphology was azimuthal, which
suggests grains aligned with their long axes perpendicu-
lar to the radiation field, as predicted by Tazaki et al.
(2017). Henceforth, we will call this grain alignment
mechanism “alignment with the radiation anisotropy.”
The very di↵erent polarization morphologies observed

at 1.3mm (0.006 resolution, Stephens et al. 2014) and 3mm
(0.004 resolution, Kataoka et al. 2017) suggest that the
morphology of the polarization emission is strongly de-
pendent on the wavelength. This Letter presents ALMA
observations at both 1.3 mm and 870µm at resolutions

Figure 1. ALMA polarimetric observations at 3mm (top,
Kataoka et al. 2017), 1.3mm (middle), and 870µm (bottom),
where the red vectors show the >3� polarization morphology (i.e.,
vectors have not been rotated). Vector lengths are linearly propor-
tional to P . The color scale shows the polarized intensity, which is
masked to only show 3� detections. Stokes I contours in each panel
are shown for [3, 10, 25, 50, 100, 200, 325, 500, 750, 1000]⇥�I , where
�I is 44, 154, and 460µJy bm�1 for 3mm, 1.3mm, and 870µm,
respectively.

of 0.003 and 0.004, respectively.
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Protoplanetary Disks/Debris Disks with  
SPICA/SAFARI

protoplanetary disks are very bright at λ=160μm 
89.1 Jy (HL Tau) & 4.1 Jy (TW Hya) : “filled” T Tauri disks

1.9 Jy (V1094 Sco) & 1.8 Jy (Sz 91) : “transitional” disks


will not be able to spatially resolve them… 
polarization will be detected only when the polarization 
directions in the disk are rather uniform

λ-dependence of polarization detection — scattering ?
(Kataoka-san’s talk)


can detect & resolve POL in nearby debris disks 
β Pic, Fomalhaut, ε Eri, Vega : “The Fabulous Four”

τ Cet : 120 mJy at λ=170μm (ISO) rout = 52au at d=3.65 pc

Alignment mechanism, constraint on dust size, etc.  

11



12

suggested that the disk was highly inclined, the Herschel image
(Figure 1, left panel) indicates that it is closer to face-on. The
SCUBA image is therefore marginally resolved at best, so we
take their derived disk radius of 55au as an upper limit on Rout
and allow the inner radius, Rin, to vary. We fit for the surface
density radial power-law index, γ, within a range of −4 to 4.
The unresolved central peak seen in images is modeled by a
central point source with flux, Fcen. We do not fit for any
relative offsets of the belt center, point source position, and
phase center. Models of the Herschel images derive an
inclination of = n o ni 35 10 and position angle
of = n o nPA 105 10 (Lawler et al. 2014), and we assume
that the millimeter belt emission is described by the same
geometry. For all parameters, we assume uniform priors and
require that the model be physically plausible:

.F 0cen and - -<R R0 55 auin out .
A total flux density, ò= WnF I dbelt , provides the normal-

ization for the belt emission. Using SCUBA on the JCMT,
Greaves et al. (2004) obtain a total flux density at 850 μm for
the disk of 5.8±0.6mJy, including both the central star and
likely contamination from background sources. Recent
SCUBA-2 observations at 850 μm yield a total flux density
of 4.5±0.9mJy, including a contribution from the star of ∼1
mJy (W. Holland et al. 2016, in preparation). An extrapolation
of this measurement using the typical spectral index of 2.58 for
debris disks at (sub)millimeter wavelengths (Gáspár
et al. 2012), yields an expected flux density of the disk at
1.3 mm of 1.2±0.2mJy. This more robust single-dish flux
measurement allows us to constrain the total flux density of our
models with a Gaussian prior, - -F0.6 mJy 1.6 mJybelt ,
accounting for uncertainty in both the single-dish 850 μm flux
measurement and the extrapolation to 1.3 mm.

The angular scale of the τ Ceti debris disk is ~ ´25 in
diameter. At 1.3 mm, the half power field of view of the 12 m
ALMA antennas is comparable, FWHM~ ´26 . Given this, we
must account for the effect of the primary beam response on
our model parameters. To do this, we model the ALMA
primary beam as a Gaussian normalized to unity at the beam
center and multiply each parametric disk model by this
Gaussian beam model. Since we account for the effect of the
primary beam in our modeling scheme, we choose not to apply

a primary beam correction to the images shown in Figure 1
(right panels).

3.3. Results of Model Fits

Modeling the ALMA 1.3 mm visibilities yields a final best-
fit model with a reduced c2 value of 1.1. Table 2 lists the best-
fit values for each of the fivefree parameters along with their
corresponding s1 (68%) uncertainties. The 1D (diagonal
panels) and 2D (off-diagonal panels) projections of the
posterior probability distributions for all parameters except
the total belt flux, Fbelt, are shown in Figure 2. A full resolution
image of this best-fit model (with a flat surface density profile,
g = 0, and the central star excluded) is shown in the leftmost
panel of Figure 3. The same model convolved with the ~ ´6
ALMA synthesized beam and imaged like the observations in
Figure 1 is shown in the next two panels both without (left) and
with (right) simulated random noise with an rms of 30 μJy.
Including the simulated noise results in a patchy image with
anemission structure similar to the ALMA 1.3 mm image
shown in Figure 1. In both the ALMA and model images, the
most significant peaks of emission are consistent with the
expectation for a slightly inclined disk with PA near n90 . The
rightmost panel of Figure 3 shows the residuals resulting from
subtracting this best-fit model from the observed visibilities,
again imaged with the same parameters. No significant features
are evident.
The best-fit total belt flux density is = -

+F 1.0belt 0.4
0.6 mJy,

constrained by the Gaussian prior taken from previous single-
dish flux measurements. Lawler et al. (2014) note that the
SCUBA and SCUBA-2 flux densities are higher than expected
given an extrapolation from the Herschel flux density
measurements. This difference suggests that these earlier
observations could be contaminated by the extragalactic
background or that the disk could have an additional warm
component. Given the limits in sensitivity of our ALMA data,
the total flux density we measure is consistent with both the
Herschel and SCUBA/SCUBA-2 values and we cannot
distinguish between these two scenarios.
Not surprisingly, given the sensitivity limits of the ALMA

data, model fitting does not provide a strong constraint on the
power-law index of the surface density radial profile,

Figure 1. (Left) Herschel/PACS map of the 70 μm emission from the τ Ceti debris disk with the stellar contribution subtracted (see Lawler et al. 2014). The Herschel
´5. 6 beam size is shown by the ellipse in the lower left corner. (Center) The τ Ceti debris disk imaged by ALMA at 1.3 mm with contours in steps of s2 , where σ is the
rms noise level in the image ∼30 μJy. To isolate the disk emission, a point source model has been subtracted to account for the central stellar emission. Using natural
weighting along with a ´6 Gaussian taper, the resulting FWHM synthesized beam size is ´ ´ ´6. 5 6. 1. (Right) ALMA image of the 1.3 mm continuum emission for
baselines longer than 40kλ showing only the central point source with contours in steps of s5 . Imaging with natural weighting and no taper yields an FWHM
synthesized beam size of ´ ´ ´1. 9 1. 0. The position of the stellar photosphere is indicated in the left two panels by the blue star symbol. The primary beam of the
ALMA antennas at 1.3 mm (FWHM ~ ´26 ) is shown by the dashed blue circle in the right two panels.
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3.1. Continuum Emission

Figure 1 (left panel) shows the primary beam corrected ALMA 1.3 mm continuum image of Fomalhaut. With natural
weighting, the rms noise level is 14 µJy/beam and the synthesized beam size is 1.0056 ⇥ 1.0015 (12 ⇥ 9 AU at 7.7 pc)
with a position angle of �87�. The right panel of Figure 1 shows the ALMA 1.3 mm image overlaid as contours on a
Hubble Space Telescope (HST) STIS coronographic image of optical scattered light (Kalas et al. 2013). The millimeter
continuum emission structure appears to match well with the narrow belt structure observed in the previous HST
image. Overall, the new ALMA image shows emission from three components: (1) a narrow, eccentric ring (30�), (2)
an unresolved central point source at the stellar position (54�), and (3) an unresolved point source on the eastern side
of the disk (10�). Most strikingly, we note a significant flux di↵erence between the apocenter (NW) and pericenter
(SE) sides of the disk of ⇠ 65 µJy (> 5�), which we attribute to ‘apocenter glow,’ a result of the disk’s eccentricity
(Pan et al. 2016, see Section 4.1 for further discussion).
We attribute the unresolved point source in the southeast quadrant to a background galaxy. The total flux density

for this source is 0.150±0.014 mJy, determined by fitting a point source model to the visibilities using the uvmodelfit
task in CASA. Recent deep ALMA surveys have built up statistics on the number of faint background sources expected
in a given field of view (Hatsukade et al. 2013; Carniani et al. 2015). Given these (sub)millimeter source counts, the
number of sources with flux density of > 0.15 mJy expected within our field of view is 2.6+5.7

�1.9. The measured position
of this point source is ↵ = 22h57m40.766, � = �29�37032.00309 (J2000). This region has been imaged with HST/STIS
in the optical (GO-13726; PI Kalas) where the nearest background source is 0.0068 west and 0.0003 north of the ALMA
position. Given that the ALMA beam radius is ⇠ 0.0078 along Right Ascension, it is likely the ALMA source is the
same background object as observed in optical data.

Figure 1. (left) ALMA image of the 1.3 mm continuum emission from Fomalhaut. The dashed white ellipse in the lower left
corner shows the natural weight beam size of 1.0056⇥ 1.0015. The rms noise is 14 µJy/beam. (right) The ALMA continuum image
overlaid as contours (white) on the HST STIS image from Kalas et al. (2013). Contour levels are in steps of [5, 15, 25, 35, 45, 55]⇥
the rms noise.

3.2. Modeling Approach

Given the clear observed eccentricity in the Fomalhaut debris disk, we construct models that account for the orbital
parameters of particles in the disk. A particle orbiting within a circumstellar disk has both a proper and forced
eccentricity, ep and ef , respectively, as well as a proper and forced argument of periastron, !p and !f . We begin by
populating the complex eccentricity plane defined by these four parameters following Wyatt et al. (1999). The forced
eccentricity and argument of periastron, ef and !f , are imposed on the particles by the massive perturber forcing the
eccentricity in the disk, and are free parameters in our model. The proper eccentricity is also left as a free parameter,
ep, and describes the additional scatter in the eccentricity of each particle’s orbit; the !p associated with a given ep is
assumed to be randomly distributed from 0 to 2⇡. By assuming a semi-major axis, a, for each particle and random
mean anomalies, we iterate to find the true anomaly, f , using the newtonm code from ast2body (Vallado 2007). Then,

4 M. Chavez-Dagostino et al.

Figure 1. 1.1 mm LMT/AzTEC continuum map of ϵ Eridani. The outer ring is fully detected at a significance of >5.7σ. The central peak
is detected at 7.5σ and likely corresponds to the sum of three contributing agents: the stellar photosphere, the stellar upper atmosphere
and an (or perhaps two) inner warm disk(s). As many as seven (S1-S7) background objects are detected in this map, of which, four have
S/N>5. The source labeled S1 is the brightest with a 1.1 mm flux of 4.6±0.6 mJy. The smoothed beam size of 10.9′′ FWHM is given by
the white circle in the top-left. As a reference, we include the contour levels for S/N = -3.5, -2, 2, 3.5, 5.0, 6.5, 8.0.

ure 3 we show the positions of the dust ring with respect to
the stationary background sources at different epochs corre-
spondent to previous (sub-)mm observations.

To further verify the presence (or lack) of substructures
along the ring, we modeled the ϵ Eridani LMT image using
optically thin debris disk models as presented below.

4 ϵ ERIDANI MODELLING

We modeled the emission from ϵ Eridani using a parame-
terized model of an optically thin debris disk. This model
has been described in detail in Wyatt et al. (1999) and
Kennedy et al. (2012). Basically, a 3D distribution of dust
surface area is generated, which can be viewed from any di-
rection to create synthetic images. The surface brightness
of the images is calculated by adding up the emission in in-
dividual cells along the line of sight, where each cell emits
like a blackbody at some temperature that is proportional to
the distance to the central star. For the resolved disk compo-
nents we used a temperature law of Tres = 416/

√
R K, where

R is the disk radius in AU. Though we model the data at a
single wavelength, this temperature was chosen to provide

a reasonable extrapolation of the model to the photomet-
ric data at other wavelengths. For debris disks this model
can account for important effects such as brightening at
disk ansae and brightness asymmetry for non-axisymmetric
disks.

For a given model viewed at some orientation, a high
resolution disk image is first generated. The central stellar
emission of 0.7 mJy (i.e. the expected photospheric flux,
see next section) is then added and the model is convolved
with the LMT beam. A χ2 goodness of fit metric is then
computed within an 80×80′′ area shown in Figure 4, but
only pixels (about 70%) where the emission from either the
model or the image is significant are used (for details see
Wyatt et al. 2012). The variable background level means
that simple least squares minimization does not necessar-
ily yield satisfactory results, so in most cases some by-hand
intervention was needed to obtain a smooth and continuous
background. That is, even though models with χ2 values
lower than those presented are possible, they remove what
could be astrophysical background behind the disk, in par-
ticular at the SE side, and produce negative residuals in the
NW. While the χ2 is always several times higher than the
number of degrees of freedom (because our model of the sky
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Protoplanetary Disks/Debris Disks with  
SPICA/SAFARI

protoplanetary disks are very bright at λ=160μm 
89.1 Jy (HL Tau) & 4.1 Jy (TW Hya) : “filled” T Tauri disks

1.9 Jy (V1094 Sco) & 1.8 Jy (Sz 91) : “transitional” disks


will not be able to spatially resolve them… 
polarization will be detected only when the polarization 
directions in the disk are rather uniform

λ-dependence of polarization detection — scattering ?
(Kataoka-san’s talk)


can detect & resolve POL in nearby debris disks 
β Pic, Fomalhaut, ε Eri, Vega : “The Fabulous Four”

τ Cet : 120 mJy at λ=170μm (ISO) rout = 52au at d=3.65 pc

Alignment mechanism, constraint on dust size, etc.  
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(2) The role of magnetic fields  
in protostellar phase :    

disk formation, outflow ejection 
…

14



Magnetic braking catastrophe ? 
Li et al. (2011); see also Machida et al. (2014)

15

MHD simulation including Ohmic dissipation & Ambipolar diffusion,  
B ‖ Angular Momentum (AM),  sink cell = 6.7au 
No disk forms due to very efficient removal of AM 


by magnetic braking ??

The Astrophysical Journal, 738:180 (19pp), 2011 September 10 Li, Krasnopolsky, & Shang
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Figure 3. Absolute values of the computed magnetic diffusivities for the MRN (left panel) and large grain (right panel) cases, for the illustrative magnetic field–density
relation given in Equation (5). For the MRN case, the Hall diffusivity ηH is negative everywhere.
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Figure 4. Density distribution (color map) and velocity field (white arrows) of the reference model (Model REF) in the meridian (left panel) and equatorial (right
panel) planes, at a representative time t = 6 × 1012 s. The highly flattened, dense equatorial structure is not a rotationally supported disk, but rather a magnetically
supported, nearly non-rotating pseudodisk. Also plotted in the left panel are poloidal field lines, with the same magnetic flux between adjacent lines. The color bars
above the panels are for log(ρ), with g cm−3 and cm as the units for ρ and length.

to the neutral matter (see Figure 3) and magnetic braking more
efficient, our adoption of the MRN distribution is also on the
conservative side. The parameters for this (Model REF) and
other models are listed in Table 1. The results are shown in
Figures 4–6.

Figure 4 displays the density distribution and velocity field
on the meridian and equatorial planes for the inner part (103 AU
scale) of the computation domain, at a representative time
t = 6×1012 s (or twice the initial free-fall time), when 0.57 M⊙
(or 57% of the initial core mass) has fallen to the center. From the
left panel, it is clear that the density distribution on the meridian
plane is highly flattened, especially at high densities. The dense,
flattened, equatorial structure is not an RSD, however. Direct

evidence against such a disk comes from the right panel, which
shows a transition from an outer region of rapid rotating-infall
to an inner region that is neither collapsing nor rotating rapidly.
The transition is shown more quantitatively in the left panel of
Figure 5, where the infall and rotation speeds on the equator
are plotted. The equatorial infall is initially slowed down near a
relatively large radius r = 5×1016 cm. It corresponds to the edge
of the magnetic bubble inflated by magnetic braking (not shown
in Figure 4), where a magnetic barrier forces the collapsing
material over a large solid angle into a narrow equatorial channel
(see Figure 2 of Mellon & Li 2008 and associated discussion).
Upon passing through the barrier, the material resumes rapid
radial infall, spinning up as it collapses, until a second barrier is
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CARMA Survey of Protostars in Perseus  
Tobin et al. (2015)

16

deconvolved position angle in Table 4 for the low-resolution
image of L1448 IRS3B does not reflect the emission that is
extended orthogonal to the outflow because the fitting routine
attempts to fit both the main protostar and the companion along
the outflow direction.

IRAS 03292+3039 also has structured continuum emission
that is extended in the north–south direction at an angle of
49°with respect to the outflow. There are no strong peaks
standing out from this structure, even when imaging with
higher resolution, but there are three weak sub-peaks separated
from each other by ∼0″.4.

3.1.3. Smooth Continuum Structures

The sources IC 348-MMS, L1448C, and L1451-MMS have
rather smooth continuum structures. They all have resolved
envelopes extended over several resolution elements in the B
and C combined imaging as shown in Figure 1. The higher-
resolution imaging from the B-array data alone does not reveal
strong evidence of sub-structure, and they are all consistent
with smooth source structure at this resolution (Figure 2).
However, the deconvolved position angle of L1448C has an

angle of 83°with respect to the outflow, perhaps indicative of a
disk-like structure at the limit of our resolution.

3.1.4. Asymmetric Resolved Structures

Several sources show evidence of resolved structure at high
resolution, but these are not clearly disk-like in appearance and
are often only extended toward one side. L1448 IRS3C (also
called L1448 NW; Terebey & Padgett 1997) appears resolved
at an angle of 99°with respect to outflow, but only toward the
northeast (Figure 2). IRAS 03282+3035 is also extended at a
slight angle (109°) with respect to the outflow direction, but
only toward the north (Figure 2). The Class I source L1448
IRS3A shows a roughly symmetric structure in the northwest
and southeast directions (Figure 3). The outflow direction from
this source is uncertain (see Appendix and Kwon et al. 2006),
so this could be a disk-like structure, but it is uncertain without
clear knowledge of the outflow direction.
The strongest asymmetric structure is found toward

IRAS 03292+3039 (Figures 1 and 2). This source was also
identified as a candidate multiple, due to its multiple peaks.
However, its extended source structure stands out relative to

Figure 2. Same as Figure 1, but with emphasis on sub-arcsecond structures. All plots are zoomed in relative to Figure 1, except IRAS 03292+3039.
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3D-Simulation including Hall current 
Tsukamoto et al. (2015)
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Fig. 1.— Cross sections of the density (top panels) and the plasma β (bottom panels) in the x-y plane. The left panels show the results of
Model Para, while the right panels show those of Model Ortho. The central densities at these snapshots are 10−9 g cm−3 and 10−2 g cm−3

for the left and right panels, respectively.

2010; Machida et al. 2011b; Tsukamoto and Machida
2011, 2013; Tsukamoto et al. 2013b, 2015b). Thus, the
parallel or anti-parallel property of the cloud core would
play a crucial role for the formation of the binary or
wide-orbit planets.
To quantify the strength of the rotation at the center

of the cloud core, we show the mean specific angular mo-
mentum of regions with ρ > 10−12 g cm−3 as a function
of the central density in figure 3. The figure shows that
the specific angular momentum in Model Para is about
an order of magnitude larger than that of Model Ortho.
The specific angular momentum in Model Ortho (Para)
is about three times smaller (larger) than that in Model
NoHall. The combination of the spin-up effect (weak-
ening of the magnetic braking) in the anti-parallel case
and the spin-down effect (strengthening of the magnetic
braking) in the parallel case causes the large difference.
The mass and the magnetic flux Φ =

∫
BdS of re-

gions with ρ > 10−12 g cm−3 in model Para, Or-
tho, and NoHall at the beginning of the second col-
lapse (ρc = 10−8 g cm−3), was (M (M⊙), Φ (G cm2))
=(1.9 × 10−1, 3.7 × 1028), (7.5 × 10−2, 4.1 × 1027), and
(1.1× 10−1, 8.0× 1027), respectively. Here, dS is defined
at the z = 0 and is parallel to the z-axis. Thus, the
mass-to-flux ratio of the region normalized by its critical
value (M/Φ)crit = (0.53/(3π))(5/G)1/2 is µ = 21, 74,
and 56, respectively. These values are much larger than
the initial mass-to-flux ratio µ = 4.

In figure 4, we show the evolution of the Ohmic, Hall,
and ambipolar diffusion coefficients, ηO, ηH ,, and ηA,
at the center of model Para as a function of the central
density. The evolution of model Ortho and NoHall were
almost the same. In ρc < 10−14 g cm−3, ηH is larger than
ηA and ηO and the gas rotation is significantly affected
by the Hall current term in this region. The value of ηH
is much larger than the “critical value” for disk forma-
tion (thin black line) suggested by Krasnopolsky et al.

(2011) in this region. Although the ηH decreases in
ρc ! 10−13 g cm−3, the Ohmic and ambipolar diffusion
alternatively play a role in ρc ! 10−13 g cm−3, and the
rotation is maintained in the high density region without
magnetic braking. Note that Krasnopolsky et al. (2011)
only considered the Hall term and neglected other non-
ideal effect. We remark that ηA does not strongly depend
on |B| around ρ ∼ 10−14 g cm−3 although ηA ∝ |B|2 in
low density regions.
Because of the conservation of angular momentum,

the spin-up due to the Hall term at the center causes
spin-down of the outer region, eventually, causing anti-
rotation against the disk. In figure 5, we show the cross
section of the rotation velocity distribution of Model
Para in the x − z plane at the same epoch of figure 1.
This figure clearly shows an anti-rotating envelope sur-
rounding the forward rotating inner region. Since the
anti-rotation of envelope is driven by torsional Alfvén
waves, the anti-rotating region expands with time and
will propagate to the outside of the parental core. Thus,

AM & B are anti-parallel

formation of a large (r>20au) disk

• non-ideal MHD (Ohmic dissipation, Ambipolar diffusion & Hall current)

• Initial configuration of AM & B in core-scales affects the disk evolution

AM & B are parallel

formation of a small (r~1au) disk

simulation
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Figure 12. NGC 1333-IRAS 4A. Same as Figure 4. (a) The velocity ranges of the CO(J = 2 → 1) line wing emission are 11.2 to 3.8 km s−1 (redshifted) and −4.6
to −14.2 km s−1 (blueshifted). σSL = 2.41 K km s−1. (b) σI = 10.9 mJy beam−1.

(A color version of this figure and associated FITS images and machine-readable tables are available in the online journal.)
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1.3mm Survey of Dust Polarization by CARMA 
Hull et al. (2014); “TADPOL”-survey 

Pol. towards 30 cores and 8 
regions forming stars at 2.5” 
including low-mass Class 0 & I


Compare with ≳20” B-fields 
with JCMT etc. as well as 
small-scale outflow directions 
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FIGURE 1: (A) Sketch of the axis directions: red/blue 

arrows show the direction of the 

redshifted/blueshifted lobes of the molecular outflow, 

probably driven by IRAS 4B (8), solid lines show the 

main axis of the magnetic field, and dashed lines 

show the envelope axes. The solid triangles show the 

position of IRAS 4A1 and 4A2. The small cross 

shows the centre of the magnetic field symmetry. (B) 

Contour map of the 877 µm dust emission (Stokes I) 

superposed with the color image of the polarized flux 

intensity. Red vectors: Length is proportional to 

fractional polarization and the direction is position 

angle of linear polarization. Contour levels are 1, 3, 6, 

9,…30×65 mJy Beam-1. The synthesized beam is 

shown in the bottom left corner. (C) Contour and 

image map of the dust emission. Red bars show the 

measured magnetic field vectors. Grey bars 

correspond to the best fit parabolic magnetic field 

model. The fit parameters are the position angle of 

the magnetic field axis, θPA=61°±6°, the centre of 

symmetry of the magnetic field, 

α0(J2000)=3h29m10.55s±0.06s and 

δ0(J2000)=31°13’31.8"±0.4" and C=0.12±0.06 for the 

parabolic form y=g+gCx2, where the x is the distance 

along the magnetic field axis of symmetry from the 

centre of symmetry.  

300au

Observations



1.3mm Survey of Dust Polarization by CARMA 
Hull et al. (2014); “TADPOL”-survey 
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Figure 6. L1448 IRS 2. Same as Figure 4. (a) The velocity ranges of the CO(J = 2 → 1) line wing emission are 18.0 to 7.5 km s−1 (redshifted) and 1.1 to −6.3 km s−1

(blueshifted). σSL = 1.39 K km s−1. (b) σI = 2.0 mJy beam−1.

(A color version of this figure and associated FITS images and machine-readable tables are available in the online journal.)
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L1448 IRS 2 (Class 0); d=230pc
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Figure 17. L1527. Same as Figure 4. (a) The velocity ranges of the CO(J = 2 → 1) line wing emission are 12.9 to 9.7 km s−1 (redshifted) and 2.3 to −0.9 km s−1

(blueshifted). σSL = 0.32 K km s−1. (b) σI = 1.0 mJy beam−1.

(A color version of this figure and associated FITS images and machine-readable tables are available in the online journal.)
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1.3mm Survey of Dust Polarization by CARMA 
Hull et al. (2014); “TADPOL”-survey 
(Results) 

A subset of objects (high pol.) 
have consistent B-directions 
in both size scales, but 
others do not. 

Outflows seem randomly 
aligned with B-fields at least 
for high-Pfrac sources
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Figure 1. Large- vs. small-scale B-field orientation |χlg − χsm| as a function of polarization fraction P frac. Sources are included if they have (1) B-field detections at
both scales, (2) CARMA polarization detections Pc > 3.5σP , and (3) distances d ! 400 pc. The plotted uncertainty in |χlg − χsm| is equal to the uncertainties in
χsm and χlg added in quadrature, where those uncertainties reflect the dispersion of the B-field orientations in each source. The fractional polarization P frac = P / I ,
where P and I are the unweighted averages of the polarized and total intensities in locations where Pc > 3.5σP . Points below the 45◦ line exhibit overall alignment
between large- and small-scale fields.
(A color version of this figure is available in the online journal.)

All maps from the TADPOL survey are publicly available
as FITS images and machine readable tables for each figure in
Appendix A. For each figure we include maps of Stokes I, Q, and
U; bias-corrected polarization intensity Pc; polarization fraction
Pfrac = Pc/I ; and inferred B-field orientation χsm. Additionally,
we include FITS cubes of total intensity (Stokes I) spectral-line
data, as well as machine readable tables listing the R.A., decl., I,
Pc, Pfrac, χsm, and associated uncertainties of each line segment
plotted in the figures. These files are available in a tar.gz package
available via the link in the figure caption.

The results for each source are summarized in Table 1. We
give fitted coordinates of the dust emission peaks, maximum
total intensity Ipk, maximum bias-corrected polarized intensity
Pc,pk, average polarization fraction P frac, average small-scale
B-field orientation χsm, outflow orientation χo, source type, dis-
tance d to the source, and synthesized-beam size θbm (resolution
element) of the maps.

We also tabulate the average large-scale B-field orientation
χlg from the SCUBA, Hertz, and SHARP data. We averaged χlg
values within a radius of ∼40′′ of the CARMA field center; all
of these detections are shown in the figures in Appendix A.

The values P frac, χlg, and χsm are averages of quantities
that vary across each source, and hence are sensitive to the
weighting schemes used to derive them. Since the locations
of the intensity and polarization peaks for each source are not
necessarily spatially coincident, we chose to calculate a measure
of fractional polarization P frac using the mean polarized and
total intensities across the entire source. To do this, we average
only pixels where Pc > 3.5σP . We average I and Pc separately
over this set of pixels, and define P frac = Pc / I . For the typical
source Pc has a much flatter distribution than I over these
pixels, so that our average is biased toward the minimum of

the “polarization hole” in each source (see Section 5.3). The
uncertainty in the fractional polarization is calculated rather
differently: it is the median of the uncertainties in the fractional
polarization in each pixel.

Note that when calculating P frac we average only the magni-
tude of Pc (and not the orientation χ of the B-field) across the
source, which makes our measurements sensitive only to depo-
larization along the line of sight (LOS) or in the plane of the sky
at scales smaller than the resolution of our CARMA maps.

We should note that interferometric measurements of frac-
tional polarization can be problematic because an interferometer
acts as a spatial filter, and is insensitive to large scale structure.
This makes direct comparisons of fractional polarization results
from single dish telescopes and interferometers extremely dif-
ficult. For example, in cases where polarized emission (Stokes
Q or U) is localized, but total intensity (Stokes I) is extended,
it is possible to overestimate the polarization fraction with an
interferometer. The comparison of polarization angles should be
less problematic, however, as it is unlikely that Stokes Q would
be very localized and U would be very extended, or vice versa.

To calculate χsm we performed a total-intensity-weighted
average of each small-scale B-field orientation χ where Pc >
2σP :

χsm =
∑

χI∑
I

. (6)

This method gives more weight to the B-field orientations in the
highest density regions of the source, and is the same method
used in Hull et al. (2013).

To calculate χlg we performed total-intensity-weighted aver-
ages of the large-scale B-field orientations from SCUBA, Hertz,
and/or SHARP. For sources that had detections from more
than one telescope, we weighted each of the averages by the
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Figure 2. Thick, stepped curves show the cumulative distribution functions
(CDF) of the (projected) angles between the bipolar outflows and the mean
large-scale (top) and small-scale (bottom) B-field orientations in the low-mass
protostellar cores listed in Table 1. Sources included in the plot have an asterisk
(*) next to their outflow orientation in the table. Large-scale B-fields are from
archival CSO and JCMT data, and have ∼20′′ resolution; small-scale B-fields are
from the CARMA data, and have ∼2.′′5 resolution. The dashed curves include the
“high-polarization” sources, and the solid curves include the “low-polarization”
sources (see Section 5.1 for a discussion of high- vs. low-polarization sources).
Sources are included if they have (1) B-field detections at both large and
small scales, (2) CARMA polarization detections Pc > 3.5σP , (3) distances
d ! 400 pc, and (4) well-defined bipolar outflows. The dotted curves are
the CDFs from Monte Carlo simulations where the B-fields and outflows are
oriented within 20◦, 45◦, and 70◦–90◦ of one another, respectively. The straight
line is the CDF for random orientation. The two plots show that outflows appear
to be randomly aligned with B-fields; although, in sources with low polarization
fractions there is a hint that outflows are preferentially perpendicular to small-
scale B-fields, which suggests that in these sources the fields have been wrapped
up by envelope rotation (see Section 5.2).

number of detections present in the map (i.e., for a source with
40 SCUBA and 5 Hertz detections, more weight is given to the
average of the SCUBA detections).

The dispersions in χsm and χlg are calculated using the
circular standard deviation of the B-field orientations across
each source. Note that these dispersions reflect the spread in
B-field orientations in each source, not the uncertainty in the
measurements. For example, a source with complicated B-field

morphology such as NGC 7538-IRS 1 (see Figure 36) has a large
scatter in χsm because of the widely varying B-field orientations
across the source. Nevertheless, any given B-field orientation
in the map has an uncertainty of !14◦, since we only plot
detections where Pc > 2σP .

The value |χlg − χsm| was used to characterize the consis-
tency between large- and small-scale B-field orientations. The
dispersion in |χlg − χsm| is equal to the dispersions in χsm and
χlg added in quadrature.

Generally the outflow angle χo is determined by connecting
the center of the continuum source and the intensity peaks of the
red and blue outflow lobes, and taking the average of the two
P.A.s. Of course, this is somewhat arbitrary because it depends
on the selected velocity ranges for the red and blue lobes, and
because outflows can have complex morphology. We do not
report outflow orientations in sources where the morphology is
extremely complex. The outflow orientation is indicated in the
first panel of most plots in Appendix A.

Note that as a test, we performed polarized-intensity-
weighted (as opposed to total-intensity-weighted) averages of
χlg and χsm and found that our main conclusions were un-
changed. For the low-mass cores plotted in Figures 1 and 2,
the two weighting schemes resulted in !20◦ differences in the
consistency angle |χlg − χsm|.

5. ANALYSIS AND DISCUSSION

In this paper, we do not attempt to interpret the detailed B-field
morphology of each object. Rather, our goal is to use average
B-field orientations to derive conclusions in a statistical sense
from the ensemble of sources. The large uncertainties in χlg and
χsm in Table 1 reflect the large dispersions in the B-field orienta-
tions across each of these objects. The mean B-field orientation
is necessarily determined by detections of polarization in loca-
tions where the observations have sufficient signal-to-noise, and
may not reflect the B-field orientation across the entirety of the
source. Furthermore, the B-fields may have been distorted by
collapse, pinching, or outflows, and thus caution must be used
when interpreting the source-averaged values that we report
in Table 1.

5.1. Consistency of B-fields from Large to Small Scales

While ∼kpc-scale galactic B-fields do not seem to be cor-
related with smaller-scale B-fields in clouds and cores (e.g.,
Stephens et al. 2011), Li et al. (2009) did find evidence that
B-field orientations are consistent from the ∼100 pc scales of
molecular clouds to the ∼0.1 pc scales of dense cores. We take
the next step by examining the consistency of B-field orienta-
tions from the ∼0.1 pc core to ∼0.01 pc envelope scales.

In Figure 1 we plot |χlg−χsm| as a function of the polarization
fraction. This plot is limited to sources with (1) B-field detections
at both scales, (2) CARMA polarization detections Pc > 3.5σP ,
and (3) distances d ! 400 pc.

The most notable feature of the plot is the relative ab-
sence of star-forming cores in the upper-right quadrant,
i.e., sources that are strongly polarized but have inconsis-
tent large-to-small-scale B-field orientations. With the excep-
tion of OMC2-FIR3 and Ser-emb 8, we see that the cores
with high CARMA polarization fractions (P frac " 3%) have
B-field orientations that are consistent from large to small scales.
These “high-polarization” sources are L1448 IRS 2 (Figure 6),
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Recent progress (1): New large-scale maps 
Ward-Thompson+ (2017); Pattle+ (2017); “BISTRO”-team

JCMT + SCUBA-2/POL-2, 
14”-beam at λ=850μm 
B ⟂ filament vs. B ‖ filament 

B-field strength estimated by 
Chandrasekhar-Fermi method 
equipartition of energy between 
B-field & turbulence


a systematic method to derive 
<σθ> is also employed 
(Hildebrand+2009; Pattle+ 2017)
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B-field map in Orion based on

λ=850μm Pol. image

However, in this work we use P for half-vector selection only, so
the effect of our choice of debiasing method on our results is
minimal. The measured magnetic field angles are determined from
the relative values of the Stokes Q and U parameters, and hence do
not depend on the absolute calibration (i.e., the polarized intensity)
of the data.

3. Results

We determined the magnetic field strength in OMC1 using
the Chandrasekhar–Fermi (CF; Chandrasekhar & Fermi 1953)
method. The CF method assumes that the underlying magnetic
field geometry is uniform, and that the dispersion of measured
polarization angles (after any necessary correction for measure-
ment errors) represents the distortion of the magnetic field by
turbulent and other motions in the gas.

We determined the plane-of-sky magnetic field strength
(Bpos) in OMC1 using the formulation of the CF method given
by Crutcher et al. (2004):

B Q n
v

4 9.3 H G, 1v
pos 2pr

s
s s

m= ¢ »
D
á ñq q

( ) ( )

where vs is the one-dimensional nonthermal velocity dispersion
in the gas; sq is the dispersion in polarization position angles; ρ
is the gas density; vD is the FWHM velocity dispersion in
km s 1- ( v 8 ln 2vsD = ( ) ); sá ñq is the typical deviation in
polarization position angle in degrees; n H2( ) is the number
density of molecular hydrogen ( nm HH 2r m= ( ), where μ is the
mean molecular weight of the gas); and Q¢ is a factor of order
unity accounting for variation in field strength on scales smaller
than the beam (labelled Q¢ to distinguish it from the Stokes Q
parameter). Crutcher et al. (2004) take Q 0.5¢ = (see Ostriker
et al. 2001). We adopt this value throughout this paper. We
discuss the appropriate value of the Q¢ parameter in Section 5.4
below.

Crutcher et al. (2004) note that the CF method does not
constrain the line-of-sight component of the magnetic field
strength, and that statistically,

BB
4

2pos
p

» ∣ ∣ ( )

on average, where B∣ ∣ is the magnitude of the magnetic field
strength half-vector. However, this statistical correction assumes
that the magnetic field has a large-scale geometry that is not
biased by a preferred axis. The magnetic field in Orion A is
clearly highly ordered (see Figure 1), and so we cannot rule out a
preferred orientation for the line-of-sight field. The relevance of
this correction to the plane-of-sky field strength that we measure
is hence unclear. We discuss this further below.

3.1. Angular Dispersion in OMC1

In order to apply the CF method to the magnetic field in
OMC1, which is both highly ordered and significantly
nonuniform, it is necessary to remove or account for the effect
of the underlying field geometry before estimating the
dispersion in position angle. We present a method for
measuring angular dispersion in an ordered field that is
analogous to unsharp masking: we estimated the behavior of
the undistorted magnetic field by applying a smoothing
function to our map of polarization angle. We then subtracted
our estimated undistorted (i.e., smoothed) magnetic field

directions from the measured polarization angles (rotated by
90° to trace magnetic field direction) in order to find the
difference between the measured magnetic field angle and the
mean field direction in each pixel in the map.
We subtract the smoothed map ( qá ñ) from the map of

measured position angle ( obsq ), giving a residual map showing
the deviation in angle in each pixel from the mean field
direction, qD , i.e.,

. 3obsq q qD = - á ñ ( )
The observed and smoothed maps of position angle, and their
residual, are shown in Figure 2.
We estimate mean field directions by smoothing the map of

measured angles using a 3×3 pixel boxcar average. The
3×3 pixel boxcar filter was chosen in order to allow a
smoothing length smaller than the radius of curvature of the
magnetic field in the regions of Orion A with high signal-to-
noise ratio. We measure polarization angles in the range
0 180-qn < n, measuring angles east of north.

The 180° ambiguity in magnetic field direction, which is
inherent in polarimetric observations, introduces a discontinuity
in the distribution of angles. For our choice of range of angles,
this discontinuity occurs at 0° or 180°. In order to avoid creating

Figure 1. A map of the polarization half-vectors in the center of OMC1, with
half-vectors rotated by 90° to show the direction of the magnetic field, modified
from Ward-Thompson et al. (2017). The background grayscale image is a
SCUBA-2 850 μm total intensity image of Orion A. The Orion BN/KL, Orion
S, and Orion Bar features are labelled. Only those half-vectors with
P P 3.d( ) are shown. The half-vector color scale is chosen for contrast
against the background image and has no physical meaning.
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Table 1. vturb is the velocity of the driven turbulent motions in
the box, and v B 4A prº is the Alfvénic wave speed.

AREPO’s base scheme solves the equations of ideal
hydrodynamics with a finite-volume approach using a
second-order unsplit Godunov scheme. In order to maintain
the divergence-free property of the magnetic field on an
unstructured mesh, we have implemented a constrained
transport solver in terms of the magnetic vector potential to
evolve the equations of ideal magnetohydrodynamics (Mocz

et al. 2016). The method uses a Harten–Lax–van-Leer-
discontinuities (HLLD) Riemann solver to accurately capture
shocks. The moving-mesh method greatly reduces advection
errors compared with traditional adaptive refinement mesh
methods due to its quasi-Lagrangian nature. We also couple
self-gravity to the MHD equations, which is calculated using a
Tree–Particle–Mesh scheme. Solenoidal turbulence is driven in
Fourier space at the largest spatial scales using an Ornstein-
Uhlenbeck process (Federrath & Klessen 2013).

Figure 1. Multi-scale view of the magnetic field around Ser-emb8 ( J2000a =18:29:48.089, J2000d =+1:16:43.32). Line segments represent the magnetic field
orientation, rotated by 90n from the dust polarization (the length of each segment is identical and does not represent any other quantity). Grayscale is total intensity
(Stokes I) thermal dust emission. Panel (a) shows 870 μm JCMT observations (Matthews et al. 2009), (b) shows 1.3 mm CARMA observations (Hull et al. 2014), and
(c) shows 870 μm ALMA observations, revealing the magnetic field morphology with ∼10,000, 1000, and 140 au resolution, respectively. For the ALMA data, line
segments are plotted where the polarized intensity P 3 ;Ps> the rms noise in the polarized intensity map 25Ps = μJy beam−1. The dust emission is shown starting at
3×σI, where the rms noise in the Stokes I map σI=50 μJy beam−1. The peak polarized and total intensities in the ALMA data are 0.693 mJy beam−1 and
102 mJy beam−1, respectively (the two peaks do not coincide exactly). The red and blue arrows indicate the redshifted and blueshifted lobes of the bipolar outflow
(Hull et al. 2014). The text below each of the panels indicates the physical size of the image at the 436 pc distance to the Serpens Main region (Ortiz-León et al. 2017;
see earlier results by Dzib et al. 2010, 2011). The black ellipses in the lower left corners of the ALMA and CARMA maps represent the synthesized beams (resolution
elements). The ALMA beam measures 0. 35 0. 32´ ´ ´ at a position angle of −63°; the CARMA beam measures 2. 89 2. 43´ ´ ´ at a position angle of 13n. The JCMT
data have a resolution of 20´.
(The data used to create this figure are available.)

Table 1
Initial Parameters of the Four Simulations Carried Out with AREPO

sim. mean fieldb ‐ Bmean field‐ (μG) A,mean field% ‐ s% Comment

1 25 1.2 35 10 very weak field (super-Alfvénic)
2 0.25 12 3.5 10 weak field (super-Alfvénic)
3 0.028 36 1.2 10 moderate field (trans-Alfvénic)
4 0.0025 120 0.35 10 strong field (sub-Alfvénic)

Note. mean fieldb ‐ indicates the initial plasma β, i.e., the ratio of gas pressure to magnetic pressure. Bmean field‐ is the initial magnetic field strength in the 5.2 pc box.
A,mean field% ‐ indicates the initial Alfvén Mach number, and v cs turb s% º is the initial sonic Mach number.
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simulation

random alignment, consistent with the “weak-field” case

that leads to the observed density and magnetic field
morphology at ∼100 au scales. In Figure 2, we show AREPO
magnetohydrodynamic (MHD) simulations of star-forming
cores in a turbulent medium that achieve the same resolution
as the ALMA observations.

We find that changing the initial magnetic field strength in
the AREPO simulations at the 5 pc scale of the cloud
dramatically alters the morphology of both the density and
the magnetic field on spatial scales four orders of magnitude
smaller (see Figure 2). In the strong-field case (i.e., the sub-
Alfvénic case where magnetic energy dominates turbulent
energy and 1A% < ), the field shapes the collapse, creating an
obvious filamentary structure aligned perpendicular to the
overall magnetic field orientation. However, in the weak-field
cases (i.e., the super- or trans-Alfvénic cases where turbulent
energy dominates magnetic energy; 1A% > ) there are no
clear, magnetically induced filaments; rather, the magnetic field
is shaped by the dynamic properties of the gas, as expected for
super-Alfvénic turbulence (Burkhart et al. 2009). We note
that in the three simulations with super- or trans-Alfvénic

(weak-field) initial conditions, 1A% » at the ∼104 au scale of
the collapsed cores. Furthermore, the ALMA-scale simulations
show significantly more fragmentation in the weak-field cases:
this is consistent with the ALMA observations—which show
several smaller companions near the main source—and
confirms that fragmentation is more effectively suppressed in
the strong-field case (e.g., Vázquez-Semadeni et al. 2005;
Lewis & Bate 2017). These results argue that the relative
importance of the magnetic field and turbulence at large
(∼5 pc) scales is critical for determining the structure of a
forming star all the way down to the ∼100 au spatial scales
probed by our simulations and the ALMA observations.

4.1. Histogram of Relative Orientation

Recently, the Planck satellite team assessed the role of the
magnetic field in cloud dynamics by quantifying the relation-
ship between the dust density structure and magnetic field
orientation (Planck Collaboration et al. 2016). The HRO
method (Soler et al. 2013) can be used to study how

Figure 2. Multi-scale projections of simulated data. Shown are the column densities and the magnetic field orientation of protostellar cores that formed in our AREPO
simulations. As indicated, the initial mean magnetic field is oriented in the vertical direction. The initial magnetic field strength increases from the left to the right
columns, corresponding to Alfvén Mach numbers 35, 3.5, 1.2, 0.35A,mean field% =‐ (see Table 1). The top row shows the full-scale AREPO simulations, centered on
the cores shown in the bottom row. The full simulation boxes are 5.2 pc in extent (cloud scale). The middle row shows zoom-ins between JCMT and CARMA scales
(core scale). The bottom row shows zoom-ins of cores at ALMA scales (protostar scale). By allowing the magnetic field orientations and zoom boxes to be toggled on
and off, the interactive figure enables the reader to compare more easily the background grayscale column density maps with the foreground magnetic field
orientations.

(An interactive version of this figure is available.)

5

The Astrophysical Journal Letters, 842:L9 (10pp), 2017 June 20 Hull et al.

ALMA

JCMT/ 
SPICA

initial mean field



Nearby Star-forming regions with  
SPICA/SAFARI 

B-field structure in size-scale ≳ 
dense cores 
change of field directions in 
smaller size-scales (ALMA)…

- statistics on protostellar disks

- outflows’ structure 

 field strengths 

- Chandrasekhar-Fermi method

- Other methods (e.g., Koch+ 2012)

- need cross-check with Zeeman? 


vs. Submm Single Dishes 
wavelength dependence

- dust characterization, 

- alignment mechanism 
(environmental effects, etc.)

24

grain mixture. However, their models apply to the diffuse
interstellar medium (AV < 4 mag), not to dense molecular
clouds such as Vela C. The Bethell et al. (2007) molecular
cloud model is more relevant to this study and also predicts a
spectrum that gradually rises from p250/p350 ∼ 0.9 to p850/p350
∼ 1.1.

A comparison of the Vela C data with the spectrum predicted
by Bethell et al. (2007) over the 350–850 μm range is shown in
Figure 11. The Vela C data are shown as the average degree of
polarization at each wavelength (total polarized intensity, P,
divided by total intensity, I), normalized to 350 μm. The data
were restricted to the region heated by the ISRF. Unlike the
model, these Vela C data (as in Figure 10) show a slight
minimum at 500 μm, rather than a rise from 250 to 850 μm.
However, the data resemble the model more closely than the
previous observations of other molecular clouds. While the
model spectrum is fairly flat longward of λ ∼ 300 μm, it falls
precipitously at wavelengths shorter than what BLASTPol
measured. Future measurements by experiments like HAWC+
(Dowell et al. 2013), a polarimeter for SOFIA operating at
50–220 μm, would help to constrain the far-IR part of the
polarization spectrum.

While Bethell et al. (2007) work under the assumption of
starless clouds, in real molecular clouds there exist embedded
stars that provide an additional source of photons. The part of
the spectrum that increases toward the far-IR could be due to
embedded sources both heating the dust grains and leading to a
higher alignment efficiency through RATs (Vaillancourt &
Matthews 2012; Zeng et al. 2013). The absence of a spectrum
that increases below 350 μm in Vela C might be due to the
early evolutionary state of the cloud. However, future work at
high resolution could look for the effect of embedded sources
in Vela C by measuring the polarization spectrum toward
sightlines of known protostars.

A major difference underlying the data compared is that the
Vela C data were obtained from balloon-borne and space-based
observatories while the results from previous works (shown in
Figures 4, 10, and 11) use a combination of data from airborne
(12.5 km altitude) and ground-based observatories (longward
of 100 μm, the data are all from the ground). Because they are
observing through the Earth’s atmosphere, these experiments

are flux limited to very bright dense parts of molecular clouds.
In contrast, the Vela C map probes a wider area of colder
(11–15 K) dust in relatively quiescent regions. One way of
quantifying the difference between the environment of the dust
in Vela C and that in the clouds observed from the ground is by
using the 850 μm intensity. For the data used by Vaillancourt &
Matthews (2012) to study 17 molecular clouds, the median
intensity at 850 μm is 637 MJy sr−1, with an interquartile range
of 300–1327 MJy sr−1. In the Vela C data used here, the
median intensity at 850 μm is 9.1 MJy sr−1, with an
interquartile range of 6.5–14.1 MJy sr−1.
The part of Vela C being radiated by RCW 36 is the most

comparable to the bright regions of clouds observed by other
experiments. However, in RCW, 36-heated sightlines alone, the
median 850 μm intensity is still only 20.2 MJy sr−1, with an
interquartile range of 12.4–25.4 MJy sr−1. When the dust being
irradiated by RCW 36 is analyzed separately, the various
methods of measuring the shape of the polarization spectrum
still give results that are consistent with a flat spectrum
(Figure 10), in contrast to the V-shape. It is worth noting that
the region closest to RCW 36 was excluded from analysis (see
Section 2), and the shape of the spectrum might be changed by
adding those data points if such data were available.
Although the radiative environment of the dust in Vela C

was quantified by N and T, it is possible that more complex
metrics are needed. For example, the RAT mechanism predicts
that grain alignment is highly dependent on the anisotropy of
the radiation field. Indeed, Andersson & Potter (2010) and
Vaillancourt & Andersson (2015) find a dependence of the
polarization fraction on the relative angle between the radiation
field anisotropy and the magnetic field direction. One might
carry out such a test in Vela C using the peak in the RCW 36
intensity to define a relative angle of radiation anisotropy, but
this has not been investigated given the low spatial resolution
of the data.

5. SUMMARY

A total of 403 measurements were made by BLASTPol in
the Vela C molecular cloud, at 250, 350, and 500 μm. These
were analyzed with Planck measurements at 850 μm. The data

Figure 10. Polarization spectra for RCW 36-heated sightlines in Vela C. See
caption to Figure 4 for an explanation of the symbols used.

Figure 11. Comparison with the predicted polarization spectrum from Bethell
et al. (2007), represented by the green dashed line. Red squares represent the
total polarized fraction of the Vela C data, normalized to 350 μm.
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infalling envelope, and bipolar outflows are ejected. The
nonmagnetized models produce massive circumstellar
disks, one of which undergoes fragmentation at ∼104

years following the formation of a protostar.
2. The radius of the circumstellar disk depends on the initial

strength of the magnetic field. Models with a stronger
magnetic field produce a circumstellar disk with a smaller
radius. The mass of the disk shows a similar dependence
on the magnetic field, where a stronger field produces a
less massive disk. The ratio of disk mass to stellar mass
remains roughly constant at about ∼1%–10%, depending
on the strength of the magnetic field.

3. The magnetized models reproduce the outflow, which can
be classified into two types: a magnetocentrifugal wind
and a spiral flow. In the latter, the outflow is not aligned
with the rotational axis of the disk. In both the cases, the
outflow and the flattened envelope are aligned with the
magnetic field on that scale. In some models, the outflow

is misaligned with the circumstellar disk. Similarly, the
flattened envelope may be misaligned with the circum-
stellar disk.

4. The internal distribution of angular momentum in the
cloud cores is nonuniform. After long-term evolution, the
disk accretes lumps of gas in which the direction of
the angular momentum vectors is highly nonuniform;
hence, the disk is expected to change its orientation and
size. This means that a planet formed during a later phase
may have an orbital angular momentum that is highly
misaligned with the angular momentum of the cen-
tral star.

5. A strong magnetic field tends to produce a cavity in the
infalling envelope; this is due to the strong magnetic
pressure, and the gas accumulates on the rim. Thus, the
rim can account for the arc-like structure and dense gas
condensation observed in the high-density molecular
cloud core MC27/L1521F, though it has not been
verified by observation that there is a high contrast
between the column density of the cavity and that of
the rim.
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Appendix A
Measurement of the Disk Radius

The disk radius for each model was estimated using the
density and velocity distributions, as follows. The volume of
the disk Vd was defined by two criteria: ρ�ρcr and

Figure 14. Orientations of the vector directions with respect to the z-axis as a function of the radius for the mean magnetic field (red lines), angular momentum (blue
lines), minor axis of the density distribution (green lines), and outflow (black lines) for models M05B01 and M1B025 at tp=700 years. In order not to distinguish
between parallel and antiparallel vectors, oV are plotted for each vector V .

Figure 15. Schematic diagram of two types of outflows: (a) magnetocentrifugal
wind, and (b) spiral flow. The surfaces represent isodensity surfaces, and the
tubes denote the magnetic field lines. The arrows indicate the direction of the
outflow.
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